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BH + accretion flow

ー quasars, AGN, (ultra) luminous IR galaxie etc…

・supermassive BHs (>106Msun)

・massive BHs (1-10Msun)

ー X-ray binaries, SNe, GRBs, etc…



High-redshift SMBHs

Figure 9: MBH versus z for a low-z sample (grey dots Zamfir et al., 2010), and
several imtermediate to high z samples. Red circles: Marziani et al. (2009); open
squares: Dietrich et al. (2009); open triangles: Shemmer et al. (2004); filled pentagons:
Netzer et al. (2007); filled squares: Trakhtenbrot et al. (2011); open starred octagons:
Willott et al. (2010); filled octagons: Kurk et al. (2007); large spot at z ≈ 7: the high-z
quasar whose discovery was announced in late June 2011 (Mortlock et al., 2011). The
dashed line marks MBH = 5·109 M⊙.
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Two limits of BH growth
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Super-Eddington accretion
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Figure 3. Snapshot of disk structures for density (left) and radiation energy
density (right) at time 1.13 × 104ts . Units for ρ and Er are ρ0 and arT

4
0

respectively.
(A color version of this figure is available in the online journal.)

Detailed structures of the disk will be studied quantitatively in
the following sections.

4.3. Inflow and Outflow

To see which part of the disk has reached inflow equilib-
rium, Figure 4 shows various mass fluxes through each radius
defined as

Ṁsum =
∮

ρv · dS,

Ṁin =
∫ Lz/2

−Lz/2
2πmin(vr, 0)rρdz,

Ṁout =
∫ Lz/2

−Lz/2
2πmax(vr, 0)rρdz,

Ṁz =
∫ r

0
2πvz(z = ±Lz/2)rρdr. (8)

Here, Ṁsum is the total mass flux through the cylinder with radius
r, Ṁin, and Ṁout are the inward and outward mass flux along the
radial direction, respectively, Ṁz is the mass flux through the
vertical direction. As the time-averaged value of Ṁsum is almost
a constant for different radii between time 10570ts and 12080ts
up to ∼20rs , this part of disk has reached inflow equilibrium
and will be the focus of our analysis. Figure 4 also shows that
starting from ∼4rs , there is a significant outward mass flux along
the radial and vertical directions. At 20rs, Ṁin = 3.01Ṁsum,
Ṁout = −1.72Ṁsum while Ṁz = −0.29Ṁsum.

Figure 5 shows the time and azimuthally averaged distribution
of ρ, v, Er, Fr in the r−z plane. Consistent with the snapshot
shown in Figure 3, the disk clearly has two distinct components,
namely the turbulent body of the disk and a strong outflow
region within ∼45◦ from the rotation axis. Most of the mass
is concentrated near the mid-plane of the disk, where accretion
happens. The outflow starts from a place well inside the electron
scattering photosphere and carries the lowest density gas in
the disk. However, a significant amount of radiation energy
is carried along with the outflow. The streamlines pointing
toward the inner boundary are probably an artifact of the

Figure 4. Averaged radial profiles of mass flux between time 10,570ts and
12,080ts. The red line is the net mass flux (Ṁsum). The solid and dashed black
lines are the inward and outward mass flux along radial directions (Ṁin and
Ṁout), while the blue line is the total mass flux along the vertical direction
within each radius (Ṁz). The dotted vertical line indicates the location of rISCO.
(A color version of this figure is available in the online journal.)

cylindrical coordinate we are using. The emerging flux from the
photosphere at each radius is a composition of photons generated
at different radii, which completely changes the radial profiles of
the radiation flux compared with the classical one zone models
where the radiation flux from photosphere at each radius is only
determined by the photons generated locally.

In order for the outward moving gas seen in the simulation to
be truly astrophysical outflow, the gas has to be unbound from
the gravitational potential. However, with radiative diffusion,
the classical Bernoulli number is no longer a constant. One
lower bound estimate is to treat the radiation acceleration as
an effective reduction of the gravitational acceleration and we
use the following quantity to determine whether the gas is
bound or not:

Et = 1
2
ρv2 +

γP

γ − 1
− Egrav +

Er

3
, (9)

where Egrav = −ρφ. The first three terms in this equation are
the classical Bernoulli constant, while the last term is to account
for the balance of gravity due to radiation force. We azimuthally
average Et between 10,570ts and 12,080ts, which is shown in
Figure 6. The outflow region seen in Figure 5 does have positive
Et while the turbulent part of the disk has negative Et. Although
Figure 5 shows that the gas with negative Et beyond 30rs can
also move outward, this is just the dynamic motion of the torus
and they cannot reach infinity. They will fall back at a larger
radius, which is not captured by the simulation domain. We
have done another simulation with similar setup but without
radiation field. The gas can have similar large-scale outward
motion but the Bernoulli constant is always negative.

4.4. Rotation Profile and Force Balance

When both gas and radiation pressure gradients along the
radial direction are negligible, gravitational force is balanced by
the centrifugal force and the disk is in Keplerian rotation. This is
what usually assumed in standard thin disk model. To check this,
Figure 7 shows the radial profile of density-weighted rotation
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RIAF, whereas it is mostly by photons in the present case. In
addition, since the RIAF simulations basically do not take into
account the radiative cooling, they would overestimate the
driving force of the outflows.

4.2. Photon Trapping

The photon trapping characterizes the supercritical accre-
tion flows. It works to reduce the energy conversion efficiency,
L /Ṁc2 (see, e.g., Paper I; Ohsuga et al. 2003). As a result, the
flow luminosity becomes insensitive to the mass accretion rate
when ṁ31. However, simple stream lines were assumed in
the previous studies on supercritical flows, including the slim-
disk model. Even if we do not consider possible multidimen-
sional gas motions, photon trapping works to some degree,
leading to a reduction in the energy conversion efficiency. Such
multidimensional gas motion and associated reaction of the
radiation can be calculated in the present RHD simulations,
since we have calculated the radiation energy transport, being
coupled with the gas dynamics.

Figure 7 plots the luminosity as a function of the mass ac-
cretion rate onto the black hole. The filled squares, circles, and
triangles indicate the results for Z ¼ 10, 1, and 0 Z", respec-
tively, with different mass input rates ṁinput ¼ 300, 1000, and
3000 from left to right. We also indicated in the same figure the
luminosity calculated based on the slim-disk model (Watarai et al.
2000) and the one based on model A of Paper I with dashed and
dotted curves, respectively. In Paper I, a simple model for the
accretion flow is employed, and the luminosity, carefully taking
into account the photon trapping, is calculated by solving en-
ergy transport inside the accretion flows. (More precisely, the
luminosity plotted in Fig. 7 is the corrected one, which fixes
initial small errors in their model A [see Fig. 1 in Paper I].) Here
it should be stressed that the mass accretion rate onto the black
hole is not an input parameter but is calculated dynamically in
the present simulations, although it was a parameter in both
model A of Paper I and the slim-disk model. The resulting ṁ
profile was shown in Figure 6.

It is evident in Figure 7 that the calculated luminosity agrees
more with model A of Paper I than with the slim-disk model, in
all the cases. This proves that the two-dimensional effects of
photon trapping are really significant in the supercritical ac-
cretion flows. This result is, in a sense, surprising. In model A in
Paper 1, we assumed that the viscous heating occurs only in the
vicinity of the equatorial plane, although the gas might be
heated up at a high altitude. Since the photons emitted at deep
inside the disk tend to be more effectively trapped in the flow,
we anticipated that the photon-trapping effects would be re-
duced in the realistic situation, compared with model A.

We also argued in Paper I that photon-trapping effects may be
attenuated by the presence of large-scale circulation motion,
which could help photon diffusion motion and thus consider-
ably reduce photon traveling time to the surface of the flow.
However, our current results show significant photon-trapping
effects even when we explicitly include complex flow motions.

Figure 7 also shows that the mass accretion rate onto the
black hole increases with an increase of the metallicity (for
fixed mass input rates). In our simulations the gas with higher
metallicity has larger absorption opacities so that the gas energy
can be more effectively converted into the radiation energy,
yielding smaller gas pressure than in the metal-poor case. The
gas could be effectively blown away by the strong gas pressure.
However, there is a countereffect. The gas with large absorption
opacity enhances the radiation energy. Enhanced radiation flux
and large opacity can drive strong radiation pressure–driven
outflows. The physical cause will be investigated in the future.

Let us see more explicitly how significant photon trapping is.
Figure 8 compares the distributions of the radial component of
the radiative flux in the comoving frame (top) and that in the
inertial frame (bottom) at t ¼ 10 s. Other parameters are the
same; the mass accretion rate is ṁinput ¼ 1000, and the metal-
licity is Z ¼ 1 Z". The former radiative flux (Fr

0) is roughly

Fig. 6.—Mass accretion rates as functions of the radius at t ¼ 10 s (solid
curve), 30 s (dotted curve), and 50 s (dashed curve). The adopted parameters
are ṁinput ¼ 1000 and Z ¼ 1 Z".

Fig. 7.—Luminosities as functions of the mass accretion rate onto the black
hole. The triangles, circles, and squares indicate metallicities of 0, 1, and 10 Z",
respectively. The normalized accretion rate of each symbol is ṁinput ¼ 10, 100,
and 1000 from the bottom left to the top right, respectively. For comparison, the
same but based on the slim-disk model and that based on model A of Paper I are
plotted by the dotted and dashed curves, respectively. The present results agree
more with the latter than with the former.
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accretion luminosity released at Rtr can be Lacc =
(GṀMBH/Rtr) = LEdd. The maximum luminosity is es-
timated as ≈ 0.6 LEdd from an analytical argument (Begel-
man 1979). In non-spherically symmetric case, accretion
disks in the super-Eddington regime would form, which are
so-called slim disks. RHD simulations (some of them in-
cludes magnetic fields) have supported that (1) gas can
accrete at Ṁ ! ṀEdd through a geometrically thick disk,
where radiation trapping happens, and (2) radiative emis-
sion is highly anisotropic and emergent luminosity can ex-
ceed the Eddington luminosity moderately into the polar
direction (e.g. Ohsuga et al. 2005, 2009; Fragile, Olejar &
Anninos 2014; McKinney et al. 2014; Sa̧dowski et al. 2015).
Recent three-dimensional simulation (Jiang, Stone & Davis
2014) has found that a super-Eddington accretion is realized,
though turbulent motion in the disk makes the photon trap-
ping less efficient. However, their expensive multi-dimension
RHD simulations have been performed for a small range of
parameters and limited within a vicinity of the central BH
(∼ 100 RSch ≪ RB).

In this paper, we study properties of a spherically sym-
metric accretion flow on to an intermediate-massive BH
(102 " MBH " 106 M⊙) by performing one-dimensional
hydrodynamical simulations which include radiation trans-
fer with multi-frequency and non-equilibrium chemistry. We
first run simulations of the outer region which resolves
around the Bondi radius well (10−3 RB # r # 10 RB) and
find that super-Eddington accretion from the Bondi radius
is realized without radiative feedback when ṁ ! 3000. Oth-
erwise, gas accretion behaves episodically due to radiative
feedback and the average accretion rate is limited as ṁ # 10.
We study several cases for different parameters (e.g. MBH

and n∞) and clarify the physics of the transition from the
episodic state to steady state, which is well-explained by the
comparison of the Bondi radius and the Strömgren radius.
Second, for a case that we obtain the super-Eddington solu-
tion, further simulations at the inner region, which resolves
the photon trapping radius (0.5 Rtr # r # 10−3 RB), are
performed. We confirm that radiation from the inner region
do not affect the gas properties at the outer region. More-
over, we discuss the gas properties which capture the physics
of the photon-trapping and finally obtain a steady solution
of the accreting flow at the super-Eddington rate.

We briefly note new results in our paper compared to
previous works. For the outer-region simulations, our treat-
ment is based on that of 2D-RHD simulations by Milosavl-
jević, Couch & Bromm (2009) and Park & Ricotti (2011,
2012), where the radiative efficiency is assumed to be con-
stant. We update the model of the radiative efficiency in-
cluding the photon trapping effect for ṁ ≫ 1, and find a
new pathway to form the solutions of accretion flows at a
super-Eddington rate. Recently, Pacucci, Volonteri & Fer-
rara (2015) also study similar situation with 1D-RHD sim-
ulation with gray-approximation around the Bondi radius
and discuss the possibility of a super-Eddington accretion.
Our new points are that radiative recombination induces the
transition to a steady solution with ṁ ! 5500 and that the
final steady state of the accreting gas is an isothermal Bondi
solution. Moreover, we study the gas properties at the in-
ner region including the photon trapping and confirm the
consistency of our solution by using numerical simulations.

The rest of this paper is organized as follows. We de-

inner region
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Figure 1. A schematic picture of a spherically symmetric accret-
ing flow on to a massive BH at a super-Eddington accretion rate
(ṁ ≫ 1). There are three characteristic scales; the Bondi radius
(RB), photosphere (Rph), and the photon trapping radius (Rtr).
The dashed line is the boundary between the two separated sim-
ulation regions: outer region (10−3 RB # r # 10 RB) and inner
region (0.5 Rtr # r # Rph # 10−3 RB).

scribe in §2 the methodology of our RHD simulation. In
§3, we show the simulation results and discuss necessary
conditions where a steady super-Eddington accretion flow
exist. In §4, we discuss some constraints on seed formation
scenarios of high-z SMBHs. Finally, in §5 we summary our
conclusion and give some discussions.

2 SIMULATION METHOD

2.1 Our strategy

We here use the hydrodynamical simulation code (ZEUS) in-
cluding multi-frequency radiation transfer, photoionization
and heating, and primordial chemical network. To simplify
and understand properties of accreting gas, we assume a
spherically symmetric accretion (e.g. Park & Ricotti 2011).
To investigate a self-consistent solution of accreting gas, we
need to consider gas dynamics over a wide range in space.
Figure 1 shows a schematic picture of a BH accreting sys-
tem. In our case, the important scales are typically 1

RB ≃ 1.96× 1018 MBH,4T
−1
∞,4 cm, (6)

and

Rtr ≃ 1.48× 1012 MBH,4ṁ3 cm, (7)

where MBH,4 = MBH/(10
4 M⊙), T∞,4 = T∞/(104 K) and

ṁ3 = ṁ/103. Then, the required size of our simulation box
is at least 6− 7 orders of magnitude in space, which needs a
long computational time. To avoid the problem and follow
time evolution of the accreting gas in several dynamical time
around the Bondi radius, we here separate our simulation re-
gion into two regions: outer region (10−3 RB # r # 10 RB)
and inner region (0.5 Rtr # r # 10−3 RB). To discuss con-
sistent solutions of the accreting gas over the wide range,

1 Through the paper, the Bondi radius and Bondi accretion rate
are estimated by using γ = 1.0 and µ = 1.22 for reference. But
both of γ and µ are solved self-consistently in our simulations.
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a HII region can grow. Fig. 3 shows the flux of the ionizing photons as a functions of the

stellar mass. From this figure, the photo-evaporation operates effectively and suppresses the

gas accretion when the stellar mass reaches ∼ 100 M⊙. Therefore, the onset time of the UV

feedback is delayed by tUV ∼ 105 yrs. As a result, tmerge ! tKH < tUV and thus the negative

feedback by UV radiations is alleviated.

This is an interesting but rough order estimate. We need to conduct numerical simulation

similar to that by Hosokawa et al. (2011) further.
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Figure 3. Time evolution of the gas accretion rate onto a mas-
sive stellar-remnant BH (MBH = 100 M⊙ and n∞ = 105 cm−3;
in the outer region). Red solid and blue dashed curves correspond
to the cases of the standard model with η = 0.3 and the trapping
model with η = 3/(10 + 3ṁ), respectively. Open circles mark
the six epochs at which we show radial profiles in Fig. 4. The
corresponding Bondi accretion rate is ṀB ≃ 72 ṀEdd. Even in
the trapping model, where the luminosity does not exceed LEdd,
the time averaged accretion rate is limited to ∼ ṀEdd. This re-
sult demonstrates that gas accretion is quenched not by radiation
pressure but by radiative heating.

accretes onto the BH, the emergent radiation starts to ion-
ize and heat the gas around the BH. The hot HII region
expands until photoionization and recombination are bal-
anced (RHII ≃ 3× 1017 cm). The HII region becomes larger
than the original Bondi radius, RB,0 = 2×1016 cm (Fig. 4b).
In the burst phase (curves 1–2 in Fig. 4), the BH’s gravity
accelerates the inflow within a new sonic point in the HII

region (≃ 3 × 1015 cm for T ≃ 3 × 104 K), while the gas
pressure (and partially the radiation pressure force) pushes
the gas outward at r ! 1016 cm and the accretion rate is
reduced. As a result, in the quiescent phase (curves 3–5 in
Fig. 4), a density cavity forms within the HII region, where
the outward and inward gas pressure forces are balanced.
However, as the depletion of the hot gas proceeds and the
outward gas pressure force decreases, a density bump forms
inside the cavity at 3 × 1016 " r " 3 × 1017 cm (see the
sharp feature in the curve 5 in Fig. 4a). Then, the gas is ac-
celerated by the inward gas pressure (i.e. dp/dr > 0) due to
this bump. Finally, the density bump falls into the central
BH and produces burst-like accretion again (curve 6 in Fig.
4a).

A similar episodic behavior of the accretion rate for a
constant radiative efficiency has been already described in
previous works (e.g. Ciotti & Ostriker 2001; Milosavljević
et al. 2009; Milosavljević, Couch & Bromm 2009; Park &
Ricotti 2011, 2012). Although the radiation pressure force
just after the burst-like accretion is stronger for the constant
efficiency, the episodic behavior is due to radiative heating
and leads to a similar behavior in the trapping model.

3.2 Higher BH mass cases

Next, we move onto the cases of more massive BHs. Fig. 5
presents the accretion history for different BH masses (103 #
MBH # 2×104 M⊙). We adopt the radiative efficiency of the
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Figure 4. Radial profiles of the (a) number density and (b) tem-
perature of the accretion flow over one cycle for MBH = 100 M⊙
and n∞ = 105 cm−3 (in the outer region). The curves show the
profiles at (1) t = 1.52 × 104 yr (red solid), (2) 1.57 × 104 yr
(green long-dashed), (3) 1.66 × 104 yr (blue short-dashed), (4)
1.77×104 yr (magenta dotted), (5) 1.84×104 yr (light-blue long-
dashed-dotted) and (6) 1.87×104 yr (orange short-dashed-dotted)
The corresponding epochs are indicated by open circles in Fig. 3.
The horizontal lines are initial conditions (n∞ = 105 cm−3 and
T∞ = 104 K) and the initial Bondi radius is RB,0 = 2× 1016 cm.
In this case where the size of the HII region (RHII

) is larger than
RB,0, the gas dynamics is affected by radiation feedback (mainly
heating), resulting in episodic accretion.

trapping model (Eq. 18). For the lowest BH mass, the ac-
cretion occurs episodically as in the case of ordinary stellar-
remnant massive BH as in §3.1. With the BH mass increas-
ing, the accretion rate becomes less time-dependent and the
average accretion rate is ∼ 10 LEdd/c

2, which corresponds
to the case of a 10% radiative efficiency many papers assume
motivated by a thin disk (e.g. Shakura & Sunyaev 1973). For
the larger BH mass, we find a big jump of the accretion rate
from ṁ ∼ 30 to ṁ ! 104 at t ≃ 2.4× 105 (1.15× 105) yr for
MBH = 104 M⊙ (2× 104 M⊙). After the transition for each
case, the accretion rate approaches a constant value, which
is identical to the Bondi accretion rate.

In Fig. 6, we present radial profiles of the density, tem-
perature, and inflow rate at different times for the case
with the jump of the accretion rate (MBH = 104 M⊙ and
n∞ = 105 cm−3). In the early phase, the accretion history
has several quiescent and burst phases as in the lower BH
mass case (see §3.1). In this case, however, the dense shell
which developed at the edge of the HII region pushes the
hot ionized gas inward at t ! 2× 105 yr. This results in the
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Figure 5. Accretion rate history for a higher-mass BH (in the
outer region). The curves show the cases for MBH = 103 (green
long dashed), 3× 103 (blue short dashed), 5× 103 (magenta dot-
ted), 104 (red solid), and 2 × 104 M⊙ (orange dot-dashed). The
radiative efficiency is assumed to be η = 3/(10+3ṁ) (the trapping
model). The density of the ambient gas is n∞ = 105 cm−3. Open
circles mark the six epochs at which we show the radial profiles
in Fig. 6. For lower BH mass (MBH < 104 M⊙), the average ac-
cretion rate is limited to ṁ ! 10, which is similar to that shown
in Fig. 3. For higher BH mass (MBH " 104 M⊙), a big jump
of the accretion rate occurs and the accretion rate approaches a
constant value, where Ṁ ≃ 8000 ṀEdd (ṀB ≃ 7200 ṀEdd).

big jump of the accretion rate (phase 3–5 in Figs. 5 and 6).
Note that the inward acceleration by the positive pressure
gradient force is subdominant compared to that by the BH’s
gravity, in contrast to the burst-like accretion with a low ac-
cretion rate (see §3.1). Fig. 6(b) shows that the size of the
HII region shrinks and it disappears. Finally, the tempera-
ture profile is nearly isothermal with T ≃ 8000 K. The final
profile of the inflow rate is almost constant (Fig. 6c), which is
a steady and approximately isothermal Bondi solution with
ṁ ≃ 8000.

We note the final fates with 103 < MBH < 104 M⊙,
where the accretion rates are almost constant at the end of
the simulations. For these marginal cases between the burst-
like accretion (MBH # 103 M⊙) and the hyper-Eddington
accretion (MBH " 104 M⊙), a dense shell develops just out-
side the HII region but radiative heating still suppresses the
strong inflow. We do not find a transition to a steady hyper-
Eddington phase at least within the simulation time, which
is 10 − 20 times longer than the dynamical time at RB,0.
However, the dense shell might fall into the BH at some
point in a longer-term simulation if the gravity slightly ex-
ceeds the outward force of gas pressure. If in the case of
density inversion flows, there is a non-linear density fluc-
tuation due to the Rayleigh-Taylor instability (see §5.1),
then accretion might increase even for the marginal cases
of 103 < MBH < 104 M⊙.

3.3 Parameter dependence

To discuss the conditions required to realize a steady hyper-
Eddington accretion flow, we conduct four additional simu-
lations for different BH mass (5 × 104 # MBH # 106 M⊙)
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Figure 6. Time evolution of radial profiles of the (a) number
density, (b) temperature and (c) inflow rate (= −4πρvr2) for
MBH = 104 M⊙ and n∞ = 105 cm−3 (in the outer region). The
curves show the profiles at (1) t = 3.5 × 104 yr (red solid), (2)
1.9 × 105 yr (green long-dashed), (3) 2.4 × 105 yr (blue short-
dashed), (4) 2.41 × 105 yr (magenta dotted), (5) 2.42 × 104 yr
(orange dashed-dotted), and (6) 4 × 105 yr (black solid). The
initial Bondi radius is RB,0 = 2 × 1018 cm. Note that in panel
(c) for clarify, we do not show positive values (phase 2; green)
at r $ 1017 cm. In this case where the HII region is confined
within the Bondi radius (RHII

< RB,0), the big jump of the
accretion rate occurs. Finally, the accretion flow becomes a steady
and isothermal Bondi solution with ṁ ≃ 8000.

and number density of the ambient gas (n∞ = 103 and
104 cm−3).

The results for n∞ < 105 cm−3 are similar to the cases
shown in §3.2. For a larger BH mass or higher density, the
accretion rate jumps to the corresponding Bondi rate. On
the other hand, for smaller BH mass or lower density, the
accretion rate is limited to ! (1− 10) LEdd/c

2. Fig. 7 sum-
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Figure 7. Time evolution of the radial profiles of the (a) number
density, (b) temperature, and (c) inflow rate (= −4πρvr2) for
the case of MBH = 104 M⊙ and n∞ = 105 cm−3. The radiative
efficiency is assumed to be the trapping model (equation 20). The
The Bondi radius which is determined by the initial conditions is
RB,0 = 2× 1018 cm.

Eddington solution (circle), constant or burst accretion with
! (1− 10) ṀEdd (square). The dashed line is the boundary
of the two accretion modes: MBH,4n∞,5 = 1/

√
2 ≃ 0.71.

3.4 Analytical argument

We find that solutions of the accreting gas on to the BH have
transition to be a super-Eddington phase, which is a steady
and isothermal Bondi solution. We here give a simple ana-
lytical argument to explain the reason and show necessary
conditions for the transition.
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and number density of the ambient gas n∞. Each symbol shows
the final result for the case; transition to the super-Eddington
solution (circle), constant or burst accretion at the rate of ! (1−
10) ṀEdd (square). The dashed line is the boundary of the two
accretion modes: MBH,4n∞,5 = 1/

√
2 ≃ 0.71.

As we explained in §3.2, the size of the HII region and
Bondi radius is important to determine whether the transi-
tion of an accretion rate happens. In Figure 9, we show the
evolution of the size of the HII region (thick). for the two
cases of MBH = 3× 103 (dashed) and 104 M⊙ (solid), where
n∞ = 105 cm−3. The horizontal thin lines are the Bondi
radius for each BH mass case, where T∞ = 8000 K. For
the lower BH mass case, the ionizing front propagates out-
side the Bondi radius and never shrinks (RHII > RB). Then,
the radiation heating and pressure can affect the gas at the
Bondi radius, which results in strong suppression of the gas
supply and a small accretion rate (see the short-dashed line
in Figure 6). For the higher BH mass, the HII region is al-
ways confined within the Bondi radius (RHII < RB). Then,
the accretion from the Bondi radius cannot halt due to ra-
diation feedback. As a result, the HII region starts to shrink
at t > 105 yr (see Figure 7) and the steady solution with
ṁ ≃ 5500 forms (see the solid line in Figure 6).

The Strömgren radius in an uniform density medium
with n∞ is estimated as

RHII =

(
3Qion

4παrec,Bn2∞

)1/3

, (28)

where Qion(∝ L) is the ionizing photon number and αrec,B

the rate coefficient of H radiative recombination (case B).
For the trapping model (L " LEdd), the maximum value of
the ionizing photon number is Qion,max = LEdd/(h⟨ν⟩) ∝
MBH, where h⟨ν⟩ is the average energy of ionizing photons.
We obtain

RHII,max = 1.75× 1018 M1/3
BH,4 n−2/3

∞,5 T 0.28
HII,4 cm, (29)

where THII,4(= THII/10
4 K) is the temperature inside the HII

region and we set h⟨ν⟩ = 13.6 eV. This value is larger by a
factor of ≈ 2−3 than the actual value (see Figure 9) because
the equation (28) neglects the fact that the density profile
has a steep slope (ρ ∝ r−β ; 0 ! β ! 3/2) within RB. We set
RHII ≈ RHII,max/2. Thus, the necessary conditions for the
transition to the super-Eddington accretion (RHII ! RB) is
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The region above the boundary indicates the conditions required
to realize steady hyper-Eddington accretion.

compare these two quantities for MBH = 3× 103 (blue) and
104 M⊙ (red), shown in §3.2. For the lower BH mass case, the
ionizing front propagates outside the Bondi radius and never
shrinks (RHII > RB; blue curves). The radiation heating and
pressure in this case can affect the gas dynamics at the Bondi
radius. Thus, the accretion is suppressed and ṁ ∼ 10 (blue
curve in Fig. 7). For the higher BH mass, the HII region
is always confined within the Bondi radius (RHII < RB; red
curves) and shrinks dramatically at t " 1.5×105 yr (Fig. 10).
As a result, the accretion from the Bondi radius cannot halt
due to radiation feedback, and the accretion flow becomes
steady with ṁ ≃ 5500 (red curve in Fig. 7).

The size of an HII region in an uniform-density medium
with n∞ is estimated as

RHII =

(
3Qion

4παrec,Bn2∞

)1/3

, (26)

whereQion(∝ L) is the ionizing photon number flux (in units
s−1) and αrec,B is the H radiative recombination coefficient
(case B). For the trapping model (L # LEdd), the maxi-
mum value of Qion is LEdd/(h⟨ν⟩) ∝ MBH, where h⟨ν⟩ is
the average energy of ionizing photons. We obtain

RHII,max = 1.8× 1018 M1/3
BH,4 n−2/3

∞,5 T 0.28
HII,4 cm, (27)

where THII,4 ≡ THII/(10
4 K) is the temperature inside the

HII region and we set h⟨ν⟩ = 13.6 eV. This value is larger
by a factor of ≈ 2 − 3 than the actual value (see Fig. 10)
because Eq. (26) neglects the fact that the density profile
has a steep slope (ρ ∝ r−β ; 0 ! β ! 3/2) within RB. We set
RHII ≈ RHII,max/2. Thus, the condition for the transition to
the hyper-Eddington accretion (RHII ! RB) is written as

MBH,4 n∞,5 " 0.64 T 3/2
∞,4 T 0.42

HII,4 (28)

or

ṁ =
ṀB

ṀEdd

" 2.0× 103 T 0.42
HII,4. (29)
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(solid) and the Bondi radius RB (dashed) for MBH = 3 × 103

(thin blue) and 104 M⊙ (thick red). The ambient gas density is
n∞ = 105 cm−3 and the trapping model of η is adopted. The
Bondi radius is estimated by setting T∞ = 8000 K. For the case
where RHII

! RB (MBH = 104 M⊙), the transition to the hyper-
Eddington accretion phase occurs.

For THII,4 = 4, the critical accretion ratio is ṁ ≃ 3.5× 103,
which agrees well with the numerical simulation (see Fig. 9).

We briefly mention the dependence of our results on the
shape of the radiation spectrum. Here we have assumed a
single power-law (Lν ∝ ν−α; α = 1.5). According to Fig-
ure 9 of Park & Ricotti (2011), which does not include sec-
ondary ionization, for α " 1 the dependence of THII,4 on α
is weak and THII,4 ≈ 4. The overall behavior of the accreting
gas does not change significantly from that by Milosavljević,
Couch & Bromm (2009) with secondary ionization assuming
α = 1.5. Thus, the secondary ionization is negligible at least
for α " 1. For α ! 1, on the other hand, THII,4 " 5 and it
depends on the maximum energy hνmax. In addition, the HII

region temperature would increase by secondary ionization.
As a result, the critical accretion rate could be higher. As we
explain in the next section, however, the radiation spectrum
would be softer and approximated by a thermal spectrum
with Tph ≃ 104 K for cases with ṁ " 3000. In these cases,
the size of the HII region becomes smaller because the value
of Qion is lower by four orders of magnitude than the value
we considered above.

3.5 Inner-region simulations

For the case of the hyper-Eddington accretion flow, we fur-
ther conduct simulations of the inner region, resolving the
trapping radius. Here, we study whether gas and radiation in
the inner region affect or modify the hyper-Eddington solu-
tion of the outer region. As we mentioned in §2.3.2, we have
run several simulations for 0.01 # Lph/LEdd # 1. Since the
choice of Lph is still arbitrary, we attempt to determine the
physically correct value of Lph so that our solution smoothly
connects with a small accretion disk well inside Rtr.

First, we show the results of the inner-region simu-
lation for the hyper-Eddington solution shown in Fig. 8
(MBH = 104 M⊙ and n∞ = 105 cm−3). We here set
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ature are

Rvir ≃ 7.9× 102 M1/3
h,8 pc

(
1 + z
21

)−1

, (36)

and

Tvir ≃ 1.9× 104 M2/3
h,8 K

(
1 + z
21

)
, (37)

respectively. The density profile is given by

n(r) = fnnvir

(
r

Rvir

)−2

≃ 103 Tvir,4 cm−3

(
r

10 pc

)−2 (fn
4

)
, (38)

where fn is a numerical factor which we choose fn = 4
so that the density profile agrees with cosmological simu-
lations of atomic cooling halos with Tvir ≃ 104 K (Shang,
Bryan & Haiman 2010; Latif et al. 2013; Regan, Johansson
& Haehnelt 2014; Becerra et al. 2015). Thus, the value at
the Bondi radius is

n(RB) ≃ 9.5× 105 M−2
BH,4T

2
∞,4Tvir,4 cm−3 (39)

Therefore, the ratio of the Bondi rate to the Eddington rate
is given by

ṀB

ṀEdd

= 5.2× 104 M−1
BH,4T

1/2
∞,4Tvir,4, (40)

and the necessary conditions to realize a super-Eddington
accretion rate (ṁ > 3000) is written as

MBH ! 1.7× 105 T 1/2
∞,4Tvir,4 M⊙. (41)

Therefore, a BH with ≃ 2× 105 M⊙ can grow at the Bondi
accretion rate (" 3000LEdd/c

2) in an atomic cooling halo
with as long as a steep density profile is developed.

As formation scenarios of seed BHs, remnant BHs by
gravitational collapse of Pop III stars (∼ 100 M⊙) and su-
permassive stars (∼ 105 M⊙) have been considered. For both
the cases, we justify that stellar feedback would not break
the density profile (∝ r−2) in atomic cooling halos before
the BH accretion starts. Pop III stars emit strong ioniz-
ing radiation during their main-sequence phase and some of
them occur supernova explosions, which might evacuate the
gas from the DM halo depending on its mass. According to
radiation hydrodynamical simulations (e.g. Kitayama et al.
2004; Whalen, Abel & Norman 2004; Kitayama & Yoshida
2005), radiation and mechanical feedback could not blow
away the gas inside an atomic cooling halo with " 107 M⊙.
On the other hand, a supermassive star continues to grow
via gas accretion (∼ 1 M⊙ yr−1) within their lifetime (In-
ayoshi, Omukai & Tasker 2014) and collapse to a massive
seed BH. Since the growing supermassive star has bloated
stellar envelope with a effective temperature of ∼ 5000 K
(Hosokawa, Omukai & Yorke 2012; Hosokawa et al. 2013;
Schleicher et al. 2013), radiation feedback could be ineffi-
cient. Therefore, we conclude that massive BHs embedded
in an atomic cooling halo with Tvir ≃ 104 K, where the den-
sity profile follows ∝ r−2, can grow via gas accretion rapidly
at the Bondi accretion rate (" 3000 LEdd/c

2), for the two
seed BH models.

Next, we discuss the BH growth in more massive (or
lower z) DM halos, where virial temperature is larger and
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Figure 13. Mass assembly history of a DM halo of our sample
(solid line). The DM halo reaches Mh = 1013 M⊙ at z = 6, which
starts from Mh = 2 × 108 M⊙ and z = 20. The dashed lines
show those at constant virial temperature; the values of which
are indicated by numbers in the figure.

thus the accretion rate increases (see equation 40). When
gas temperature remains at ≃ 104 K inside an atomic cool-
ing halo and keeps close to the virial temperature4, gas dis-
tribution in the halo is almost spherical (if a disk form, it
should be a fat disk due to the gas pressure support). With
higher virial temperature, the gas cools down to ∼ 104 K
due to efficient radiative cooling after virialization shocks.
Thus, the gas distribution should be like a pancake because
the gas pressure is negligible. Then, the aspect ratio of the
gas cloud is roughly estimated as

Zvir

Rvir
≈

(
T∞

Tvir

)1/2

. (42)

In this case, when the Bondi radius becomes larger than the
cloud scale height, the accretion rate from the Bondi radius
does not increase even if the BH mass is larger, i.e. RB is
larger. The conditions where the Bondi radius is embedded
in the gas (RB < Zvir) is written as

Tvir

T∞
<

(
Mh

2MBH

)2/3

≃ 2.9× 102M2/3
h,8 M

−2/3
BH,4 . (43)

Combining equations (40) and (43), we can obtain the max-

4 what is the conditions? H2 dissociation
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Ṁ
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ature are

Rvir ≃ 7.9× 102 M1/3
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(
1 + z
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)−1

, (36)

and

Tvir ≃ 1.9× 104 M2/3
h,8 K

(
1 + z
21

)
, (37)

respectively. The density profile is given by

n(r) = fnnvir

(
r

Rvir

)−2

≃ 103 Tvir,4 cm−3

(
r

10 pc

)−2 (fn
4

)
, (38)

where fn is a numerical factor which we choose fn = 4
so that the density profile agrees with cosmological simu-
lations of atomic cooling halos with Tvir ≃ 104 K (Shang,
Bryan & Haiman 2010; Latif et al. 2013; Regan, Johansson
& Haehnelt 2014; Becerra et al. 2015). Thus, the value at
the Bondi radius is

n(RB) ≃ 9.5× 105 M−2
BH,4T

2
∞,4Tvir,4 cm−3 (39)

Therefore, the ratio of the Bondi rate to the Eddington rate
is given by

ṀB

ṀEdd

= 5.2× 104 M−1
BH,4T

1/2
∞,4Tvir,4, (40)

and the necessary conditions to realize a super-Eddington
accretion rate (ṁ > 3000) is written as

MBH ! 1.7× 105 T 1/2
∞,4Tvir,4 M⊙. (41)

Therefore, a BH with ≃ 2× 105 M⊙ can grow at the Bondi
accretion rate (" 3000LEdd/c

2) in an atomic cooling halo
with as long as a steep density profile is developed.

As formation scenarios of seed BHs, remnant BHs by
gravitational collapse of Pop III stars (∼ 100 M⊙) and su-
permassive stars (∼ 105 M⊙) have been considered. For both
the cases, we justify that stellar feedback would not break
the density profile (∝ r−2) in atomic cooling halos before
the BH accretion starts. Pop III stars emit strong ioniz-
ing radiation during their main-sequence phase and some of
them occur supernova explosions, which might evacuate the
gas from the DM halo depending on its mass. According to
radiation hydrodynamical simulations (e.g. Kitayama et al.
2004; Whalen, Abel & Norman 2004; Kitayama & Yoshida
2005), radiation and mechanical feedback could not blow
away the gas inside an atomic cooling halo with " 107 M⊙.
On the other hand, a supermassive star continues to grow
via gas accretion (∼ 1 M⊙ yr−1) within their lifetime (In-
ayoshi, Omukai & Tasker 2014) and collapse to a massive
seed BH. Since the growing supermassive star has bloated
stellar envelope with a effective temperature of ∼ 5000 K
(Hosokawa, Omukai & Yorke 2012; Hosokawa et al. 2013;
Schleicher et al. 2013), radiation feedback could be ineffi-
cient. Therefore, we conclude that massive BHs embedded
in an atomic cooling halo with Tvir ≃ 104 K, where the den-
sity profile follows ∝ r−2, can grow via gas accretion rapidly
at the Bondi accretion rate (" 3000 LEdd/c

2), for the two
seed BH models.

Next, we discuss the BH growth in more massive (or
lower z) DM halos, where virial temperature is larger and
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Figure 13. Mass assembly history of a DM halo of our sample
(solid line). The DM halo reaches Mh = 1013 M⊙ at z = 6, which
starts from Mh = 2 × 108 M⊙ and z = 20. The dashed lines
show those at constant virial temperature; the values of which
are indicated by numbers in the figure.

thus the accretion rate increases (see equation 40). When
gas temperature remains at ≃ 104 K inside an atomic cool-
ing halo and keeps close to the virial temperature4, gas dis-
tribution in the halo is almost spherical (if a disk form, it
should be a fat disk due to the gas pressure support). With
higher virial temperature, the gas cools down to ∼ 104 K
due to efficient radiative cooling after virialization shocks.
Thus, the gas distribution should be like a pancake because
the gas pressure is negligible. Then, the aspect ratio of the
gas cloud is roughly estimated as

Zvir

Rvir
≈

(
T∞

Tvir

)1/2

. (42)

In this case, when the Bondi radius becomes larger than the
cloud scale height, the accretion rate from the Bondi radius
does not increase even if the BH mass is larger, i.e. RB is
larger. The conditions where the Bondi radius is embedded
in the gas (RB < Zvir) is written as

Tvir

T∞
<

(
Mh

2MBH

)2/3

≃ 2.9× 102M2/3
h,8 M

−2/3
BH,4 . (43)

Combining equations (40) and (43), we can obtain the max-
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Figure 1. Density slices through the centre of the central object in each halo. The ‘up’ vector is chosen to be the angular momentum vector and so we are
looking down on to the central object. Each image is scaled in density and length in the same way. The colour scale for the density runs from 10−19 to
10−15 g cm−3. It is clearly visible that in each case a disc is formed, with well-defined spiral arms. The size of the plotted region in each panel is 1 pc.

maximum refinement level, following the growth of haloes to much
higher masses is currently extremely challenging. We will return to
this issue in Section 4 where we conduct further simulations with
different maximum resolutions.

3.4 Profiling the central object

As cooling is facilitated only via atomic hydrogen cooling in the
simulations performed here, the gas cannot cool below approxi-
mately 7000 K. In Fig. 2 (left-hand panel) we show the temperature
of the gas over several decades in radius. We plot the temperature
out to approximately the virial radius which is well outside the
realm of the collapse. The temperature of the gas is found by av-
eraging the temperature of cells in spherical shells outwards from

the densest point in the halo. As expected, the temperature remains
approximately constant as the density grows towards the centre of
the halo. Initially the gas is shock-heated to T ∼ 104 K, close to the
virial radius, from where it cools via atomic hydrogen transitions to
T ∼ 7000 K.

Fig. 2 (right-hand panel) shows the gas density profile of the halo
over the same range. The density profile is initially quite flat at, or
outside, the virial radius, but quickly steepens to attain a slope of
n ∝ r−2 as expected for an isothermal collapse. The profile is not
completely smooth due to the presence of small dense clumps within
the halo (as shown in Fig. 1). All simulations show similar profiles
with the maximum number density obtained in each simulation
found to be ≈1 × 1011 cm−3. The result here are in very good
agreement with those of our own previous simulations as well as

Figure 2. Left-hand panel: the temperature profile for the gas within the halo. As expected for a collapse mediated by atomic hydrogen cooling the temperature
remains constant at approximately T ∼ 6000–8000 K during the collapse. Right-hand panel: the density profile for each halo. Number densities reach values
of up to n ∼ 1 × 1011 cm−3 with a mean slope of ρ ∝ r−2.02 (i.e. an isothermal profile).
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Ṁ
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Recent/Future works

Figure 9: MBH versus z for a low-z sample (grey dots Zamfir et al., 2010), and
several imtermediate to high z samples. Red circles: Marziani et al. (2009); open
squares: Dietrich et al. (2009); open triangles: Shemmer et al. (2004); filled pentagons:
Netzer et al. (2007); filled squares: Trakhtenbrot et al. (2011); open starred octagons:
Willott et al. (2010); filled octagons: Kurk et al. (2007); large spot at z ≈ 7: the high-z
quasar whose discovery was announced in late June 2011 (Mortlock et al., 2011). The
dashed line marks MBH = 5·109 M⊙.
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